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BH-BH and BH-NS Systems Widely Exist

O1 & O2
10 BH-BH systems detected
Event rate density

Abstract

We present results on the mass, spin, and redshift distributions with phenomenological population models using
the 10 binary black hole (BBH) mergers detected in the first and second observing runs completed by Advanced
LIGO and Advanced Virgo. We constrain properties of the BBH mass spectrum using models with a range of
parameterizations of the BBH mass and spin distributions. We find that the mass distribution of the more massive
BH in such binaries is well approximated by models with no more than 1% of BHs more massive than 45 :M and a
power-law index of α= �

�1.3 1.7
1.4(90% credibility). We also show that BBHs are unlikely to be composed of BHs

with large spins aligned to the orbital angular momentum. Modeling the evolution of the BBH merger rate with
redshift, we show that it is flat or increasing with redshift with 93% probability. Marginalizing over uncertainties in
the BBH population, we find robust estimates of the BBH merger rate density of R= �

�53.2 28.2
55.8Gpc−3 yr−1(90%

credibility). As the BBH catalog grows in future observing runs, we expect that uncertainties in the population
model parameters will shrink, potentially providing insights into the formation of BHs via supernovae, binary
interactions of massive stars, stellar cluster dynamics, and the formation history of BHs across cosmic time.
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1. Introduction

The second LIGO/Virgo observing run (O2) spanned 9
months between 2016 November and 2017 August, building on
the first, 4-month run (O1) in 2015. The LIGO/Virgo
gravitational-wave (GW) interferometer network is composed
of two instruments in the United States (LIGO; LIGO Scientific
Collaboration et al. 2015; Abbott et al. 2016a) and a third in
Europe (Virgo;Acernese et al. 2015), the latter joining the run
in the summer of 2017. In total, 10 binary black hole (BBH)
mergers have been detected to date(Abbott et al. 2018a). The
BBHs detected possess a wide range of physical properties.
The lightest so far is GW170608(Abbott et al. 2017a), with an
inferred total mass of �

�18.7 0.7
3.3

:M . GW170729(Abbott et al.
2018a)—exceptional in several ways—is likely to be the
heaviest BBH to date, having total mass �

�85.2 11.2
15.4

:M , as well
as the most distant, at redshift �

�0.48 0.20
0.19. Both GW151226 and

GW170729 show evidence for at least one BH with a spin
greater than zero(Abbott et al. 2016b, 2018a).

By measuring the distributions of mass, spin, and merger
redshift in the BBH population, we may make inferences about
the physics of binary mergers and better understand the origin
of these systems. We employ Bayesian inference and
modeling(Gelman et al. 2004; Mandel 2010; Foreman-
Mackey et al. 2014; Hilbe et al. 2017; Asensio Ramos 2018),
which, when applied to parameterized models of the popula-
tion, is able to infer population-level parameters—sometimes
called hyperparameters to distinguish them from the event-level
parameters—while properly accounting for the uncertainty in
the measurements of each event’s parameters(Hogg et al.
2010; Mandel 2010).

The structure and parameterization of BBH population
models are guided by the physical processes and evolutionary
environments in which BBHs are expected to form and
merge. Several BBH formation channels have been proposed
in the literature, each of them involving a specific environ-
ment and a number of physical processes. For example,
BBHs might form from isolated massive binaries in the
galactic field through common-envelope evolution(Bethe &
Brown 1998; Portegies Zwart & Yungelson 1998; Belczynski
et al. 2002, 2007, 2008, 2014; Voss & Tauris 2003; Dewi
et al. 2006; Dominik et al. 2013; Mennekens & Vanbeve-
ren 2014; Spera et al. 2015; Eldridge & Stanway 2016;
Mapelli et al. 2017; Stevenson et al. 2017b; Tauris et al.
2017; Chruslinska et al. 2018; Giacobbo & Mapelli 2018;
Giacobbo et al. 2018; Kruckow et al. 2018; Mapelli &

Giacobbo 2018) or via chemically homogeneous evolu-
tion(de Mink & Mandel 2016; Mandel & de Mink 2016;
Marchant et al. 2016). Alternatively, BBHs might form via
dynamical processes in stellar clusters (Kulkarni et al. 1993;
Sigurdsson & Hernquist 1993; Portegies Zwart & McMil-
lan 2000; Grindlay et al. 2006; O’Leary et al. 2006; Ivanova
et al. 2008; Sadowski et al. 2008; Downing et al. 2010, 2011;
Clausen et al. 2013; Ziosi et al. 2014; Rodriguez et al.
2015, 2016a; Mapelli 2016; Askar et al. 2017; Banerjee 2017;
Chatterjee et al. 2017) and galactic nuclei (Antonini &
Perets 2012; Antonini & Rasio 2016; Petrovich &
Antonini 2017), evolution of hierarchical triple systems(An-
tonini et al. 2014, 2017; Kimpson et al. 2016; Liu &
Lai 2018), gas drag and stellar scattering in accretion disks
surrounding supermassive BHs(McKernan et al. 2012;
Bartos et al. 2017; Stone et al. 2017). Finally, BBHs might
originate as part of a primordial BH population in the early
universe(Carr & Hawking 1974; Bird et al. 2016; Carr et al.
2016; Inayoshi et al. 2016; Sasaki et al. 2016; Ali-Haïmoud
et al. 2017; Clesse & García-Bellido 2017; Inomata et al.
2017; Ando et al. 2018; Chen & Huang 2018), where their
mass spectrum is typically proposed as having power-law
behavior, but spanning a much wider range of masses than
stellar-mass BHs. Each channel contributes differently to the
distributions of the mass, spin, distance, and orbital
characteristics of BBHs.
There are several processes common to most pathways

through stellar evolution that affect the properties of the
resultant BBH system. Examples include mass loss(Vink et al.
2001; Vink & de Koter 2005; Gräfener & Hamann 2008) and
supernovae(O’Connor & Ott 2011; Fryer et al. 2012;
Janka 2012; Ugliano et al. 2012; Ertl et al. 2016; Sukhbold
et al. 2016). The mass of the compact object left after the
supernova is directly related to its pre-supernova mass and
the supernova mechanism itself. Metallicity has been shown
(Kudritzki & Puls 2000; Vink et al. 2001; Brott et al. 2011) to
have important effects on stellar mass loss through winds—
line-driven winds are quenched in metal-poor progenitors,
enabling large BHs to form through direct collapse or post-
supernova mass fallback (Heger et al. 2003; Mapelli et al.
2009; Belczynski et al. 2010; Spera et al. 2015). This also, in
turn, might suppress supernova kicks(Fryer et al. 2012) and
hence enhance the number of binaries that are not disrupted.
Theoretical and phenomenological models of BBH forma-

tion are explored by population synthesis. This requires
modeling of not only stellar evolution but also the influence
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ABSTRACT
We report on the population properties of the 47 compact binary mergers detected with a false-alarm

rate (FAR) < 1 yr�1 in GWTC-2, including all Advanced LIGO–Virgo observing runs through the
most recent observing run O3a. We investigate the mass distribution, spin distribution, and merger
rate as a function of redshift. We observe several binary black hole (BBH) population characteristics
not discernible until now. First, we find that the primary mass spectrum contains structure beyond
a power-law distribution with a sharp high-mass cut-off; it is more consistent with a broken power
law with a break at 39.7+20.3

�9.1 M�, or a power law with a Gaussian feature peaking at 33.5+4.5
�5.5 M�

(90% credible interval). While the primary mass distribution must extend to ⇠ 65 M� or beyond, only
2.9+3.4

�1.7% of systems have primary masses greater than 45 M�. At low masses, we find that the primary
mass spectrum has a global maximum at 7.8+2.2

�2.1 M�, consistent with a gap between ⇠ 2.6 M� and
⇠ 6 M�. Second, we find evidence that a nonzero fraction of BBH systems have component spins
misaligned with the orbital angular momentum, giving rise to precession of the orbital plane. Moreover,
we infer that 12% to 44% of BBH systems have spins tilted by more than 90� with respect to their
orbital angular momentum, giving rise to a negative effective inspiral spin parameter. Third, we provide
improved estimates for merger rates using astrophysically motivated mass distributions: for BBH,
RBBH = 23.9+14.9

�8.6 Gpc�3 yr�1 and for binary neutron stars (BNS), RBNS = 320+490

�240
Gpc�3 yr�1. We

constrain the BBH merger rate as a function of redshift and find that the rate likely increases with
redshift (85% credibility), but not faster than the star-formation rate (87% credibility). Additionally, we
examine recent exceptional events in the context of our population models, finding that the asymmetric
masses of GW190412 and the high component masses of GW190521 are consistent with our population
models, but the low secondary mass of GW190814 makes it an outlier. We discuss the implications of
these results for compact binary formation and for the evolution of massive stars.

Keywords: gravitational waves

1. INTRODUCTION

We analyze the population properties of black holes
and neutron stars in compact binary systems using data
from the LIGO–Virgo Gravitational-wave Transient Cat-
alog 2 (GWTC-2) (Abbott et al. 2020d). The GWTC-2
catalog combines observations from the first two observ-
ing runs (O1 and O2) (Abbott et al. 2019b) and the
first half of the third observing run (O3a) (Abbott et al.
2020d) of the Advanced LIGO (Aasi et al. 2015) and
Advanced Virgo (Acernese et al. 2015) gravitational-wave
observatories. With the 39 additional candidates from
O3a, we have more than quadrupled the number of events

from O1 and O2, published in the first LIGO–Virgo Tran-
sient Catalog, GWTC-1 (Abbott et al. 2019b). Counting
only events with false alarm rate (FAR) < 1 yr�1 (as op-
posed to the less conservative FAR threshold of < 2 yr�1

in GWTC-2), the new combined catalog includes: two
binary neutron star (BNS) events, 44 confident binary
black hole (BBH) events, and one neutron-star black
hole (NSBH) candidate, which may be a BBH—a topic
we discuss below. These events are listed in Table 1.
Our chosen FAR threshold ensures a relatively pure
sample with only ⇠ 1 noise event (see Section 2) and
excludes three marginal triggers presented in GWTC-
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with comparable masses (i.e., m2/m1 ⇠ 0.6 � 0.9) and

mass-weighted e↵ective spin parameter �e↵ consistent with

�e↵ ⇠ 0 (but see Zackay et al. 2019; Venumadhav et al.

2020). However, the recent detections in the third observing

run (O3) of LIGO/VIRGO reveal the existence of di↵erent

types of black hole binaries (BHBs). In GW190412 (Abbott

et al. 2020a), the BHB has component masses 29.7+5.0
�5.3M�

and 8.4+1.7
�1.0M�. The primary (more massive) BH is inferred

to rotate rapidly, with the dimensionless spin (Kerr) pa-

rameter �1 = 0.43+0.16
�0.26. The e↵ective spin parameter of the

BHB is constrained to be �e↵ = 0.25+0.09
�0.11, indicating a non-

neglgible spin-orbit misalignment angle. In the second event

GW190814 (Abbott et al. 2020c), the merging binary in-

volves a 23.2+1.1
�1.0M� BH and a compact object with mass

2.6+0.08
�0.09M� in the so-called low mass gap of (2M� � 5M�)

(e.g., Bailyn et al. 1998; Özel et al. 2010; Farr et al. 2011);

the secondary could be a heavy neutron star (NS) or a

light BH. In this source, the primary spin is tightly con-

strained to a small value (�1 . 0.07), while the secondary

spin is unconstrained. In GW190521(Abbott et al. 2020d),

the two BHs have masses of 85+21

�14
M� and 66+17

�18
M�, both of

which may fall in the high mass gap produced by the (pulsa-

tional) pair-instability supernova processes (65M��120M�)

(e.g., Barkat et al. 1967; Woosley 2017). The analyses of

GW190521 indicate that the two BHs are fast-rotating with

�1 = 0.69+0.27
�0.62 and �2 = 0.73+0.24

�0.64, while the binary has

an e↵ective spin �e↵ = 0.08+0.27
�0.36 and “perpendicular” spin

�p = 0.68+0.25
�0.37, again suggesting significant spin-orbit mis-

alignments.

The astrophysical origin of these three LIGO events

are still under debate. The mergers of BHBs with extreme

mass ratios (as in GW190412 and GW190814) or component

masses in the mass gap (as in GW190521) are expected to be

rather uncommon, especially if the merging binary contains

two first generation (1G) BHs. Indeed, recent studies sug-

gest that GW190412- and/or GW190814-like events should

be rare in many formation models, including isolated bina-

ries with tidally spun-up secondaries (e.g., Olejak et al. 2020;

Mandel & Fragos 2020), dynamical assembly in dense star

clusters (e.g., Di Carlo et al. 2020; Rodriguez et al. 2020;

Zevin et al. 2020; Samsing & Hotokezaka 2020), gas-assisted

formation in AGN disks (e.g., Yang et al. 2020), as well as

the quadruple stars (e.g., Hamers & Safarzadeh 2020).

The unexpected features of these three O3 events may

be naturally explained if one or both components are the

remnants of the previous BH or NS mergers. This is gen-

erally termed “hierarchical mergers” (e.g., Abbott et al.

2020e), but exactly how successive mergers occur and with

what frequencies are not clear. In this paper, we study hier-

archical mergers involving binaries and multiples, where the

multiples could be either “primordial” or formed dynami-

cally in dense stellar clusters (see Figures 1-3). In particu-

lar, we consider the (30M�) primary in GW190412 to be a

merger product — this would explain its large observed spin.

We suggest the secondary (2.6M�) in GW190814 to be pro-

duced by the merger of two canonical (1.3�1.4M�) NSs. We

Figure 1. Di↵erent formation pathways of GW190412-like sys-
tems. The final merging BHB can be produced either in a primor-
dial multiple system (left), or through binary-single interaction
(middle) and binary-binary interaction (right). The final BHB is
unlikely to merge by itself, but can be induced to merge by an
external body (likely a massive BH). We label the possible values
of the individual masses based on the analysis in Section 3 (see
also Section 6). Two possible sets of the binary progenitor masses
are given for the 30M� BH. The number with a question mark
implies that the mass is not well constrained.

assume both massive components in GW190521 to be the

products of first-generation mergers — this would explain

their large observed spins. Regardless of the detailed evolu-

tionary pathways, it is likely the final BHBs cannot merge

by themselves because of their wide orbital separations. In-

stead, they undergo mergers induced by a tertiary compan-

ion, likely a massive or supermassive BH (MBH, SMBH),

through the Lidov-Kozai mechanism (e.g., Lidov 1962; Kozai

1962). Overall, we envision that through di↵erent pathways

(Figures 1-3), a final BHB is assembled, likely in a dense

nuclear star cluster, and the final merger is induced by a

MBH or SMBH. We examine the possibility and constraints

that systems like GW190412, GW190814 and GW190521

are produced in multiple systems.

A specific scenario for the formation of merging BHBs

relies on “primordial” triples or quadruples (the leftmost

pathway in Figures 1-3). We study this “primordial” multi-

ple scenario in details for each of the three LIGO/VIRGO

O3 systems. Figure 4 illustrates the key physical processes,

using GW190412 as an example. We consider a hierarchical

quadruple system, consisting of three nested binaries. The

innermost binary has masses m1, m2, and moves around m3

c� 2020 RAS, MNRAS 000, 1–18

Zevin et al. (2020)
Liu & Lai (2020)

Two main types of scenarios have been invoked 
for the formation of BH-NS/BH systems:

p Channel A: isolated binary evolution 
in galactic fields

p Channel B: dynamical interactions in 
dense environments

Tutukov & Yungelson 1973; Lipunov et al. 1997; 
Belczynski et al. 2016; …

Sigurdsson & Hernquist 1993; Portegies Zwart & 
McMil- lan 2000; Rodriguez et al. 2015; …
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EM Counterparts of GW detection?

Delay time between compact binary formation and coalescence is too long

Zhu, et al. 2020

BH-NS

Zhang 2016

BH-BH cCBC physics

High school E&M

黑洞电荷？

麦克斯韦方程组

参见“电动力学”

变化的电场产生磁场，
变化的磁场产生电场。



EM signatures at the formation time?

Can EM Observations Help to Distinguish the 
Formation Channel of BH-NS/BH Systems ? 
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If the BH-NS/BH systems are formed from 
Channel A (isolated binary evolution):

The second core collapse SN would show 
some identifiable features, due to the 
accretion feedback from the companion BH. 

Comparing the event rate density of these 
special supernova signals with the event 
rate density of LIGO-Virgo detected BH-
NS/BH systems could help to distinguish 
the BH-NS/BH formation channel. 



Model Details

The accretion radius of the BH 

The time for the falling process is set as 
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where the transition velocity vtr could be obtained from
the density continuity condition

vtr = ⇣v

✓
Esn

Mej

◆1/2

' 1.2⇥ 104km s�1

✓
Esn

1051erg

◆1/2 ✓Mej

M�
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.

The numerical coe�cients depend on the density power-
indices as (Kasen et al. 2016)

⇣⇢ =
(n� 3)(3� �)

4⇡(n� �)
, ⇣v =


2(5� �)(n� 5)

(n� 3)(3� �)

�1/2
. (2)

For core-collapse SNe, the typical values of the density
power-indices are � = 1, n = 10 (Chevalier & Soker
1989).
Here we assume that the SN ejecta undergoes a homol-

ogous expansion i.e., r = vt, where the inner boundary
of the ejecta could be defined by the slowest ejecta,

Rmin(t) = Rmin,0 + vej,mint, (3)

where vej,min is the minimum velocity of the ejecta and
Rmin,0 is the initial radius of the innermost radius when
the explosion enters the homologous phase. Similarly,
the outermost layer of the SN ejecta should be

Rmax = Rmax,0 + vej,maxt, (4)

where vej,max is the maximum velocity of the ejecta and
Rmax,0 is the initial radius of the outermost radius in the
homologous phase.
With the expansion, a good fraction of the SN ma-

terial would enter and be trapped by the gravitational
potential of the companion BH. If one takes spherical
coordinate with origin at the center of the BH, the grav-
itational binding energy for a SN ejecta element with
mass m would be Egra = GMBHm/r. If this gravita-
tional binding energy larger than the kinetic energy of
this element 1

2
mv2, it will be trapped and accreted by

the central BH. We thus define an accretion radius of
the BH as

Racc =
2GMBH

v2
' 5.3⇥109cm

✓
MBH

20M�

◆⇣ v

104km s�1

⌘�2

.

(5)
When the outermost radius of SN ejecta reach d�Racc,
the outer part SN ejecta with ⇢ej / r�n begins to fall
into the BH. The time for the falling process is set as

tstart =
d�Racc �Rmax,0
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✓
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104km s�1

⌘�1
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In this phase, the material falling rate is
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Mej

v3
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✓
d

vtrt

◆�n

, tstart 6 t < ttr,

(7)
where ttr ⇠ d/vtr is the characteristic time when the
falling region reaches down to the inner part ejecta,
namely when the velocity of falling ejecta element v be-
comes the transition velocity vtr. The falling rate at the
characteristic time is

Ṁtr '4.1⇥ 10�9M� s�1

✓
Mej

10M�

◆5/2 ✓ MBH

20M�

◆2

⇥

⇥
✓

d

1013cm

◆�3 ✓ Esn

1051erg

◆�3/2

.

(8)
When t > ttr, the density structure of the SN ejecta
falling into the BH starts to follow ⇢ej / r��, so that the
falling rate becomes

Ṁ = Ṁtr

✓
t

ttr

◆�

, ttr 6 t 6 tend, (9)

where tend ⇠ d/vej,min is taken as the termination
timescale of the falling process. The accretion timescale
could be estimated as tacc ⇠ t↵/↵, where ↵ ⇠ 0.1�0.01 is
the standard dimensionless viscosity parameter (Shakura
& Sunyaev 1973) and t↵ is the timescale for material
freely falling from Racc to the BH, which is

t↵ =

✓
3⇡

32G

4⇡
3
R3

acc

MBH

◆1/2

=0.68 s

✓
Racc

109cm

◆3/2 ✓ MBH

20M�

◆�1/2

. (10)

Obviously, the accretion timescale is much smaller than
the dynamical timescale. We thus take the fast accre-
tion approximation and assume the BH accretion rate
Ṁacc roughly equals to the falling rate Ṁ . Note that
some falling materials with small intercept be-
tween their motion direction and the black hole,
may not have su�cient angular momentum to
form an accretion disk, but rather fall into the
black hole in a roughly spherical fashion. Accord-
ing to the analytical results provided in Kumar
et al. (2008), materials moving with an intercept
of R0 relative to the BH could fall to an accretion
orbit with rorb ⇡ R0 (⌦/⌦k)

2, where ⌦ is angular
velocity of the material, ⌦k is the local Keplerian
angular velocity. R0 with relevant rorb equaling to
the marginally stable orbit radius Rms (see def-
inition in 12) could be defined as the cross sec-
tion radius for no-disk-formation falling, which
could be estimated as 1/R02 = v2/GMBHRms� 1/d2.
For the parameter space used in this work, R0 is
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The material falling rate is
Density Profile of SNe ejecta

(Matzner & McKee 1999)
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comes the transition velocity vtr. The falling rate at the
characteristic time is
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When t > ttr, the density structure of the SN ejecta
falling into the BH starts to follow ⇢ej / r��, so that the
falling rate becomes

Ṁ = Ṁtr
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where tend ⇠ d/vej,min is taken as the termination
timescale of the falling process. The accretion timescale
could be estimated as tacc ⇠ t↵/↵, where ↵ ⇠ 0.1�0.01 is
the standard dimensionless viscosity parameter (Shakura
& Sunyaev 1973) and t↵ is the timescale for material
freely falling from Racc to the BH, which is
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Obviously, the accretion timescale is much smaller than
the dynamical timescale. We thus take the fast accre-
tion approximation and assume the BH accretion rate
Ṁacc roughly equals to the falling rate Ṁ . Note that
some falling materials with small intercept be-
tween their motion direction and the black hole,
may not have su�cient angular momentum to
form an accretion disk, but rather fall into the
black hole in a roughly spherical fashion. Accord-
ing to the analytical results provided in Kumar
et al. (2008), materials moving with an intercept
of R0 relative to the BH could fall to an accretion
orbit with rorb ⇡ R0 (⌦/⌦k)

2, where ⌦ is angular
velocity of the material, ⌦k is the local Keplerian
angular velocity. R0 with relevant rorb equaling to
the marginally stable orbit radius Rms (see def-
inition in 12) could be defined as the cross sec-
tion radius for no-disk-formation falling, which
could be estimated as 1/R02 = v2/GMBHRms� 1/d2.
For the parameter space used in this work, R0 is
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Accretion feedback power

Blandford-Znajek Blandford-Payne

For super-Eddington accretion

3

much smaller than Racc, we thus ignore this ef-
fect in the following calculations. For cases with
extremely slow ejecta velocity or with extremely
small orbital separation, the accretion rate could
be largely reduced, which is only a fraction of
(R2

acc
�R02)/R2

acc
of the falling rate.

According to Eq. 8, the accretion process is super-
Eddington. In this case, the accretion process could have
strong feedback to the SN explosion. Here we consider
three feedback mechanism: 1) accretion disk radiation;
2) Blandford-Znajek jet (Blandford & Znajek 1977); and
3) Blandford-Payne outflow (Blandford & Payne 1982).
We treat the disk evolution as multi-color blackbody,

then the e↵ective temperature of the disk is (Strubbe &
Quataert 2009)

�T 4

e↵
=

3GMBHṀf
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where f = 1 � (Rms/R)1/2, RS = 2Rg, and rg =
GMBH/c2. Rms is the marginally stable orbit radius in
unit of rg, and is expressed as (Bardeen et al. 1972; Page
& Thorne 1974)

Rms = 3 + Z2 � [(3� Z1)(3 + Z1 + 2Z2)]
1/2, (12)

where Z1 ⌘ 1+(1�a2)1/3[(1+a)1/3+(1�a)1/3], Z2 ⌘
(3a2 + Z2

1
)1/2. Here, a = JBHc/(GM2

BH
) is the BH spin

parameter. The disk luminosity is thus given by

Ldisk = 2
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In our case (super-Eddington accretion), we find that
Ldisk ⇠ 0.2LEdd ⇠ 5⇥ 1038erg s�1(MBH/20M�).
The BZ jet power could be estimated as (Lee et al.

2000; Li 2000; Wang et al. 2002; McKinney 2005; Lei &
Zhang 2011; Lei et al. 2013; Liu et al. 2017)
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where F (a) = [(1 + q2)/q2][(q + 1/q) arctan q � 1] with
q = a/(1 +

p
1� a2). BH is the magnetic field strength

threading the BH horizon, which could be estimated by
equating the magnetic pressure on the horizon to the
ram pressure of the accretion flow at its inner edge (e.g.
Moderski et al. 1997),
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where rH = (1 +
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1� a2)rg is the radius of the BH

horizon. In our case, the BZ jet luminosity could be

written as
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where ⌘BZ = 0.52a2F (a)/(1 +
p
1� a2)2, we have ⌘BZ =

0.0008 for a = 0.1, and ⌘BZ = 0.17 for a = 0.9. When
the SN expands to a radius of RSN, it will roughly take
tB ⇠ 3000 s ⇥ L�1/3

BZ,45✓
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13
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breakout the SN material (Bromberg et al. 2011). Since
the breakout timescale is smaller than the termination
timescale of the accretion process, the BZ jet very likely
penetrates through the SN envelope. In this case, most
of the BZ jet power would dissipate outside of the SN in-
stead of injecting energy into the SN material. Therefore,
the feedback e↵ect from BZ power could be neglected
here.
On the other hand, the BP outflow luminosity could

be estimated as (Armitage & Natarajan 1999)

LBP =
(BP
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)2r4

ms
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ms

32c
, (17)

where rms = Rmsrg is the marginally stable orbit radius.
⌦ms is the Keplerian angular velocity at the marginally
stable orbit radius, which could be calculated as
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The poloidal disk magnetic field BP
ms

has a relationship
with the magnetic field strength threading the BH hori-
zon BH as (Blandford & Payne 1982)
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In our case, we can derive the BP outflow luminosity as
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where ⌘BP is e�ciency which depends on the BH spin
parameter
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We have ⌘BP = 0.006 for a = 0.1 and ⌘BP = 0.013 for
a = 0.9. Comparing with the BZ jet, BP outflow is
less collimated, therefore most of the BP power could be
injected into the SN envelope.
In this scenario, the SN bolometric luminosity can be

expressed by (Arnett 1982)
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Disk Radiation

3

much smaller than Racc, we thus ignore this ef-
fect in the following calculations. For cases with
extremely slow ejecta velocity or with extremely
small orbital separation, the accretion rate could
be largely reduced, which is only a fraction of
(R2

acc
�R02)/R2

acc
of the falling rate.

According to Eq. 8, the accretion process is super-
Eddington. In this case, the accretion process could have
strong feedback to the SN explosion. Here we consider
three feedback mechanism: 1) accretion disk radiation;
2) Blandford-Znajek jet (Blandford & Znajek 1977); and
3) Blandford-Payne outflow (Blandford & Payne 1982).
We treat the disk evolution as multi-color blackbody,

then the e↵ective temperature of the disk is (Strubbe &
Quataert 2009)
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where f = 1 � (Rms/R)1/2, RS = 2Rg, and rg =
GMBH/c2. Rms is the marginally stable orbit radius in
unit of rg, and is expressed as (Bardeen et al. 1972; Page
& Thorne 1974)

Rms = 3 + Z2 � [(3� Z1)(3 + Z1 + 2Z2)]
1/2, (12)

where Z1 ⌘ 1+(1�a2)1/3[(1+a)1/3+(1�a)1/3], Z2 ⌘
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In our case (super-Eddington accretion), we find that
Ldisk ⇠ 0.2LEdd ⇠ 5⇥ 1038erg s�1(MBH/20M�).
The BZ jet power could be estimated as (Lee et al.

2000; Li 2000; Wang et al. 2002; McKinney 2005; Lei &
Zhang 2011; Lei et al. 2013; Liu et al. 2017)
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where F (a) = [(1 + q2)/q2][(q + 1/q) arctan q � 1] with
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1� a2). BH is the magnetic field strength

threading the BH horizon, which could be estimated by
equating the magnetic pressure on the horizon to the
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4⇡r2
H

, (15)

where rH = (1 +
p
1� a2)rg is the radius of the BH

horizon. In our case, the BZ jet luminosity could be

written as

LBZ(t) = ⌘BZṀtrc
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where ⌘BZ = 0.52a2F (a)/(1 +
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0.0008 for a = 0.1, and ⌘BZ = 0.17 for a = 0.9. When
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breakout the SN material (Bromberg et al. 2011). Since
the breakout timescale is smaller than the termination
timescale of the accretion process, the BZ jet very likely
penetrates through the SN envelope. In this case, most
of the BZ jet power would dissipate outside of the SN in-
stead of injecting energy into the SN material. Therefore,
the feedback e↵ect from BZ power could be neglected
here.
On the other hand, the BP outflow luminosity could

be estimated as (Armitage & Natarajan 1999)

LBP =
(BP
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where rms = Rmsrg is the marginally stable orbit radius.
⌦ms is the Keplerian angular velocity at the marginally
stable orbit radius, which could be calculated as
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has a relationship
with the magnetic field strength threading the BH hori-
zon BH as (Blandford & Payne 1982)
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We have ⌘BP = 0.006 for a = 0.1 and ⌘BP = 0.013 for
a = 0.9. Comparing with the BZ jet, BP outflow is
less collimated, therefore most of the BP power could be
injected into the SN envelope.
In this scenario, the SN bolometric luminosity can be
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Figure 1. Schematic description of the jet geometry in the two collimation regimes. Left: a collimated jet; center: an uncollimated jet. In both panels, the basic
ingredients of the model are evident: the jet (divided into a shocked and unshocked part), the jet’s head, the cocoon, and the ambient medium. Also shown are the
collimation shock and the contact discontinuity. The collimation shock splits the jet to an unshocked region and a shocked region. The contact discontinuity separates
the jet material that enters the head from the ambient medium. This discontinuity extends to the cocoon and divides it to an inner and an outer part. The cocoon
expands into the ambient medium behind a shock that extends the forward shock at the head. All shocks are marked with dashed lines and the contact discontinuities
with solid lines. Right: a closeup of the jet’s head and the contact discontinuity. The matter flows into the head through a forward and a reverse shock, and from there
to the cocoon as illustrated by the four arrows.

at some altitude, above which the collimation is complete (see
Section 3.1). The geometry of the collimation shock sets the
jet’s cross-section at the head to be much smaller than the cross-
section of an uncollimated jet. Consequently, the jet applies
a larger ram pressure on the head and pushes it to higher
velocities. The faster motion reduces the rate of energy flow
into the cocoon. At the same time the cocoon’s height increases
at a faster rate, resulting in a larger volume and a decrease in
the cocoon’s pressure. There is a limit to the head velocity above
which the cocoon’s pressure is too low to effectively collimate
the jet. We show that this occurs when Lj/(z2ρac

3) ! θ
5/3
0 ,

corresponding to a head’s Lorentz factor Γh ! θ
−1/3
0 . Therefore

for typical initial opening angles θ0 > 1◦, the head velocities in
the collimated regime can be at most mildly relativistic.

The uncollimated regime is characterized by larger values
of Γh and a cocoon pressure which is insufficient to collimate
the jet in an appreciable amount. The jet remains conical to
a good approximation and the collimation shock remains at
the edges of the jet and does not converge onto the jet’s axis.
This results in a coaxial jet structure composed of an inner fast
spine surrounded by a denser layer of the shocked jet material,
having a lower Lorentz factor (Figure 1, left panel). When
Γh > θ−1

0 , the head moves so fast that different parts of the
jet’s head become causally disconnected and energy can flow
into the cocoon only from a small region of the head. This further
reduces the cocoon’s pressure. At even larger Lorentz factors the
reverse shock at the head becomes weak, and it no longer affects
the jet, which can be considered as propagating in a vacuum.
The forward shock continues, however, to gather matter from
the ambient medium in front of the jet and to accelerates it to a
Lorentz factor similar to that of the jet. A small fraction of this
shocked matter continues to stream into the cocoon and feeds
with relativistic particles.

Following the above description, we divide the system into
five main elements (see Figure 1): unshocked jet, shocked
jet (separated by the collimation shock), jet’s head, cocoon
(containing an inner light part and an outer heavy part), and

ambient medium. The system dynamics are determined by the
following relations between these region. (1) The jet’s head
velocity is set by balancing the ram pressure applied on the
forward shock (by the ambient medium) with the ram pressure
applied on the reverse shocks (by the shocked or unshocked
jet, depending on the collimation regime). The head velocity
determines the cocoon height and the energy injection rate into
it. The jet head has the highest pressure in the system. (2) The
pressure in the cocoon is set by its size and by the energy
injected into it from the head. (3) The velocity of the shock,
which inflates the cocoon into the ambient medium, is set by
the balance between the ram pressure of the ambient medium
on that shock and the cocoon pressure. (4) The pressure in the
shocked jet is equal to the cocoon pressure. The collimation
shock structure is set to build up this pressure in the jet. This
structure, in turn, determines the jet head cross-section and thus
the ram pressure applied on the reverse shock. (5) The unshocked
jet properties are determined by the inner engine.

3. THE JET–COCOON MODEL

Our model contains the five elements discussed above, where
the ambient medium serves as a fixed background. Given a
jet with a luminosity Lj, an injection angle, θ0, and a medium
density profile, ρa(z), we calculate the time-dependent quanti-
ties: the head velocity, βh (predominantly in the z-direction),
the cocoon’s pressure, Pc, the cocoon expansion velocity, βc

(predominantly in the r-direction), and the jet’s cross-section
Σj . We use the subindices j, h, c, a to designate quantities re-
lated to the jet, the jet’s head, the cocoon, and the ambient
medium, respectively. The distinction between the shocked and
unshocked jet is relevant only in the collimated regime, and we
use it when we discuss this regime. The subindex j is used to
describe general properties of the jet (like the jet dimensions)
and when it is unimportant which of the two region (shocked or
unshocked jet) is considered, e.g., the jet luminosity is equal in
the two regions and is denoted as Lj.

3

When the SN expands to a radius of RSN, it will roughly take tB
for the BZ jet to breakout the SN material 
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much smaller than Racc, we thus ignore this ef-
fect in the following calculations. For cases with
extremely slow ejecta velocity or with extremely
small orbital separation, the accretion rate could
be largely reduced, which is only a fraction of
(R2
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�R02)/R2
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of the falling rate.

According to Eq. 8, the accretion process is super-
Eddington. In this case, the accretion process could have
strong feedback to the SN explosion. Here we consider
three feedback mechanism: 1) accretion disk radiation;
2) Blandford-Znajek jet (Blandford & Znajek 1977); and
3) Blandford-Payne outflow (Blandford & Payne 1982).
We treat the disk evolution as multi-color blackbody,

then the e↵ective temperature of the disk is (Strubbe &
Quataert 2009)
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where f = 1 � (Rms/R)1/2, RS = 2Rg, and rg =
GMBH/c2. Rms is the marginally stable orbit radius in
unit of rg, and is expressed as (Bardeen et al. 1972; Page
& Thorne 1974)

Rms = 3 + Z2 � [(3� Z1)(3 + Z1 + 2Z2)]
1/2, (12)

where Z1 ⌘ 1+(1�a2)1/3[(1+a)1/3+(1�a)1/3], Z2 ⌘
(3a2 + Z2

1
)1/2. Here, a = JBHc/(GM2

BH
) is the BH spin

parameter. The disk luminosity is thus given by
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In our case (super-Eddington accretion), we find that
Ldisk ⇠ 0.2LEdd ⇠ 5⇥ 1038erg s�1(MBH/20M�).
The BZ jet power could be estimated as (Lee et al.

2000; Li 2000; Wang et al. 2002; McKinney 2005; Lei &
Zhang 2011; Lei et al. 2013; Liu et al. 2017)
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where F (a) = [(1 + q2)/q2][(q + 1/q) arctan q � 1] with
q = a/(1 +
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threading the BH horizon, which could be estimated by
equating the magnetic pressure on the horizon to the
ram pressure of the accretion flow at its inner edge (e.g.
Moderski et al. 1997),
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where ⌘BZ = 0.52a2F (a)/(1 +
p
1� a2)2, we have ⌘BZ =

0.0008 for a = 0.1, and ⌘BZ = 0.17 for a = 0.9. When
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breakout the SN material (Bromberg et al. 2011). Since
the breakout timescale is smaller than the termination
timescale of the accretion process, the BZ jet very likely
penetrates through the SN envelope. In this case, most
of the BZ jet power would dissipate outside of the SN in-
stead of injecting energy into the SN material. Therefore,
the feedback e↵ect from BZ power could be neglected
here.
On the other hand, the BP outflow luminosity could

be estimated as (Armitage & Natarajan 1999)
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where rms = Rmsrg is the marginally stable orbit radius.
⌦ms is the Keplerian angular velocity at the marginally
stable orbit radius, which could be calculated as
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The poloidal disk magnetic field BP
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has a relationship
with the magnetic field strength threading the BH hori-
zon BH as (Blandford & Payne 1982)
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In our case, we can derive the BP outflow luminosity as
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where ⌘BP is e�ciency which depends on the BH spin
parameter
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We have ⌘BP = 0.006 for a = 0.1 and ⌘BP = 0.013 for
a = 0.9. Comparing with the BZ jet, BP outflow is
less collimated, therefore most of the BP power could be
injected into the SN envelope.
In this scenario, the SN bolometric luminosity can be

expressed by (Arnett 1982)
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Bromberg et al. 2011

Since the breakout timescale is smaller 
than the termination timescale of the 
accretion process, the BZ jet very likely 
penetrates through the SN envelope. 

n The feedback effect from BZ power 
could be neglected 

n Non-thermal emissions from the BZ 
jet is expected



Model Results

In this scenario, the SN bolometric luminosity 
can be expressed by (Arnett 1982) 

n When the feedback power is much greater than 
the radioactive decay power, the SN lightcurve
could show a sharp peak as luminous as the 
SLSNe

n When the feedback power is comparable to the 
radioactive decay power, the SN lightcurve could 
contain a plateau (re-brightening) feature



Distinguishing Features

Different from magnetar model

n For our model, SN lightcurve would undergo a rapid 
decay after the peak

n But for the magnetar model, the energy injection always 
continues, so that the SN lightcurve would undergo a 
relatively slow decay after the peak. 

Different from interaction model

Spectra never show signs of narrow emission 
lines that would indicate CSM interaction 

Sollerman et al.: CSM interaction in two SE SNe.
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Figure 6: Spectral sequence of SN 2019oys during rebrightening. A handful of the spectra listed in Table 1 are shown, and here
on a logarithmic scale to highlight the bright narrow emission lines. Phases in rest-frame days are provided for each spectrum. A
spectrum of the Type IIn SN 2015ip is shown for comparison (in red). This spectrum is from Stritzinger et al. (2012) taken at 138
days past discovery. Basically all high excitation coronal lines seen in SN 2005ip are also detected in SN 2019oys, a main difference
being that our SN do not display the broad H↵ line from hydrogen-rich ejecta. The spectra are normalized and offset for clarity.
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Different from fall-back accretion model

The main difference is that for the single star 
case, the weaker the initial SN explosion, the 
stronger the fallback feedback, which is 
opposite for the scenario discussed here. 



Related with GRBs

SN Ejecta

GRB
X-ray

Giant Flare

The second core collapse could generate a GRB, which will be 
followed by a giant X-ray flare and a bright SN with a rapidly decay.  

GRB111209A

properties17, inconsistent with our observations, thus ruling out a blue
supergiant progenitor4. Finally, additional emission from the inter-
action of the supernova ejecta with circumstellar material is also
unlikely (Methods section ‘Enhanced emission due to interaction with
the circumburst medium?’).

Our data suggest that SN 2011kl is intermediate between canon-
ical overluminous GRB-associated supernovae and super-luminous
supernovae (Fig. 3). The latter are a sub-class of supernovae that are

a factor of ,100 brighter than normal core-collapse supernovae,
reaching a V-band magnitude MV < 221 mag (refs 8, 9). They show
slow rise times and late peak times (peak times about 20–100 days as
compared to typically 9–18 days). Their spectra are characterized by
a blue continuum with a distinctive ‘‘W’’-shaped spectral feature
often interpreted as O II lines8. A spinning-down magnetic neutron
star is the favoured explanation for the energy input powering
the light curve10. The comparison of SN 2011kl with super-luminous
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Figure 1 | Observed optical/near-infrared light
curve of GRB 111209A. Data points (GROND
data, filled symbols; other data, open symbols)
show measured magnitudes. The fitted light curve
(solid red line) is the sum of the afterglow of GRB
111209A modelled by a broken power law (dashed
red line), the accompanying supernova SN 2011kl
(dash-dotted red line) and the constant host galaxy
emission (horizontal dotted red line). The u9-band
data are well fitted without a supernova
component, that is, the sum of only the afterglow
and host (solid violet line). All measurements
(error bars, 1s uncertainty) are relative to the Swift
trigger time and as observed, apart from the Vega-
to-AB transformation for the J band. The vertical
dotted line marks the time of the VLT/X-shooter
spectrum.
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Table 1 | AB magnitudes of SN 2011kl associated with GRB 111209A
Dt (s) g9 mag r9 mag i9 mag z9 mag J mag

843, 664 24:36z0:26
{0:21 23:92z0:23

{0:19 24:03z0:55
{0:38 23:97z1:13

{0:57
1,101,930 24:17z0:29

{0:24 23:66z0:16
{0:14 23:80z0:44

{0:33 23:83z0:75
{0:48

1,358,649 22.38 6 0.09
1,360,463 23:28z0:12

{0:11
1,361,742 23:16z0:28

{0:25
1,705,078 23.59 6 0.04
1,706,253 22.99 6 0.04
1,880,549 23.47 6 0.15 22.90 6 0.07 22.74 6 0.13 22:78z0:19

{0:18 22:18z0:39
{0:35

2,049,952 22.30 6 0.06
2,401,323 23:53z0:28

{0:27
23.25 6 0.15 22.90 6 0.17 22:67z0:23

{0:22 22:54z0:53
{0:48

2,664,187 22:62z0:16
{0:15

3,037,306 22:58z0:22
{0:21

3,085,966 22.41 6 0.07
3,090,966 23:88z0:18

{0:17
23.21 6 0.11 23:05z0:17

{0:16
22.70 6 0.19

3,518,554 22.81 6 0.09
3,692,304 23.35 6 0.12
3,693,574 23:21z0:23

{0:22
3,694,905 24.36 6 0.07
3,696,071 23.60 6 0.05
3,950,847 22.81 6 0.09
4,258,444 24:41z0:39

{0:37
23.80 6 0.20 23:63z0:42

{0:40 23:44z0:62
{0:58

4,732,196 24:69z0:63
{0:58 24:28z0:27

{0:26 23:80z0:32
{0:31 23:67z0:48

{0:46
6,241,880 25:26z0:84

{0:74 24:29z0:78
{0:73 24:27z1:57

{1:34

The data are corrected for the GRB afterglow and host-galaxy contributions, as well as Galactic foreground and rest-frame extinction. Errors are at the 1s confidence level
and include error propagation from the afterglow and host subtraction. The first column (Dt) is the time after the GRB in the observer frame. The magnitudes without
contemporaneous g9, r9, i9, z9 magnitudes are taken from ref. 3.
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Future Prospective

The event rate of SLSNe happens to be comparable 
to the BH-BH merger rate from GW detection 

Sollerman et al .2020

Many core collapse SNe have been 
found to have rebrightening signatures, 
but without narrow emission lines that 
would indicate CSM interaction 
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ABSTRACT
We report on the population properties of the 47 compact binary mergers detected with a false-alarm

rate (FAR) < 1 yr�1 in GWTC-2, including all Advanced LIGO–Virgo observing runs through the
most recent observing run O3a. We investigate the mass distribution, spin distribution, and merger
rate as a function of redshift. We observe several binary black hole (BBH) population characteristics
not discernible until now. First, we find that the primary mass spectrum contains structure beyond
a power-law distribution with a sharp high-mass cut-off; it is more consistent with a broken power
law with a break at 39.7+20.3

�9.1 M�, or a power law with a Gaussian feature peaking at 33.5+4.5
�5.5 M�

(90% credible interval). While the primary mass distribution must extend to ⇠ 65 M� or beyond, only
2.9+3.4

�1.7% of systems have primary masses greater than 45 M�. At low masses, we find that the primary
mass spectrum has a global maximum at 7.8+2.2

�2.1 M�, consistent with a gap between ⇠ 2.6 M� and
⇠ 6 M�. Second, we find evidence that a nonzero fraction of BBH systems have component spins
misaligned with the orbital angular momentum, giving rise to precession of the orbital plane. Moreover,
we infer that 12% to 44% of BBH systems have spins tilted by more than 90� with respect to their
orbital angular momentum, giving rise to a negative effective inspiral spin parameter. Third, we provide
improved estimates for merger rates using astrophysically motivated mass distributions: for BBH,
RBBH = 23.9+14.9

�8.6 Gpc�3 yr�1 and for binary neutron stars (BNS), RBNS = 320+490

�240
Gpc�3 yr�1. We

constrain the BBH merger rate as a function of redshift and find that the rate likely increases with
redshift (85% credibility), but not faster than the star-formation rate (87% credibility). Additionally, we
examine recent exceptional events in the context of our population models, finding that the asymmetric
masses of GW190412 and the high component masses of GW190521 are consistent with our population
models, but the low secondary mass of GW190814 makes it an outlier. We discuss the implications of
these results for compact binary formation and for the evolution of massive stars.

Keywords: gravitational waves

1. INTRODUCTION

We analyze the population properties of black holes
and neutron stars in compact binary systems using data
from the LIGO–Virgo Gravitational-wave Transient Cat-
alog 2 (GWTC-2) (Abbott et al. 2020d). The GWTC-2
catalog combines observations from the first two observ-
ing runs (O1 and O2) (Abbott et al. 2019b) and the
first half of the third observing run (O3a) (Abbott et al.
2020d) of the Advanced LIGO (Aasi et al. 2015) and
Advanced Virgo (Acernese et al. 2015) gravitational-wave
observatories. With the 39 additional candidates from
O3a, we have more than quadrupled the number of events

from O1 and O2, published in the first LIGO–Virgo Tran-
sient Catalog, GWTC-1 (Abbott et al. 2019b). Counting
only events with false alarm rate (FAR) < 1 yr�1 (as op-
posed to the less conservative FAR threshold of < 2 yr�1

in GWTC-2), the new combined catalog includes: two
binary neutron star (BNS) events, 44 confident binary
black hole (BBH) events, and one neutron-star black
hole (NSBH) candidate, which may be a BBH—a topic
we discuss below. These events are listed in Table 1.
Our chosen FAR threshold ensures a relatively pure
sample with only ⇠ 1 noise event (see Section 2) and
excludes three marginal triggers presented in GWTC-



¨ BH-BH and BH-NS systems widely exist in the universe
¨ EM observations could help to distinguish the formation 

channel of BH-NS/BH systems 
¨ If the BH-NS/BH systems are formed from Channel A 

(isolated binary evolution):
¤ The second SNe could have a sharp peak as luminous as the SLSNe
¤ The second SNe could contain a plateau (re-brightening) feature

¨ Systematically searching for these signals from the SNe
archive data to provide their event rate, would be helpful to 
justify BH–NS/BH systems formation channel. 

Summary

Thanks for the attention！


